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ABSTRACT

A Bodtis stars are a subset of chemically peculiar A-stars that display Solar abundances in lighter elements (C, N, O, S,
etc.) but a deficiency in Iron-peak elements. This difference has been attributed to the A-stars accreting pristine (metal
deficient) gas from the Interstellar Medium. However, the recent discovery of A Bootis stars in clusters challenges this
theory, due to the presence of ionizing radiation from intermediate/massive (> 5 M) stars, which could prevent accretion
of pristine ISM gas. We use N-body simulations to track the dynamical histories of A-stars during the evolution of a
star cluster. We find that some stars leave the confines of the cluster and travel beyond the tidal radius, where they
may be able to accrete pristine ISM gas. These A-stars then sometimes move back into the inner regions of the cluster,
but the photoionizing radiation flux they receive is not high enough to prevent A Bodtis abundances from occurring in
these A-stars. We find that A-stars can develop A Boo6tis abundances and subsequently form a wide (>100au) binary
system, meaning that observations of binary systems that have different abundances between the component stars
would not rule out the ISM accretion scenario. Whilst we have shown that A Boétis stars can reside in and around
star clusters, further research is required to assess the validity of the accretion rates required to explain their abundance
patterns.
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1 INTRODUCTION

A Bootis stars (hereafter ‘A Boo stars’), named after the epony-
mous star in the Bod6tes constellation, are a subset of chemically
peculiar A-stars that constitute 2 percent of all A-stars (R. O.
Gray & C. J. Corbally 1993; E. Paunzen 2004). They are char-
acterized by having Solar-like abundances of lighter elements
(e.g. C, O, N, S), but puzzlingly display a low abundance in Iron-
peak elements (e.g. K. A. Venn & D. L. Lambert 1990). Various
explanations have been proposed to explain these so-called A Boo
abundance patterns, including diffusion of elements in the star’s
photosphere (G. Michaud et al. 1983; G. Michaud & Y. Charland
1986), accretion of pristine gas from the Interstellar Medium (S.
Turcotte & P. Charbonneau 1993; I. Kamp & E. Paunzen 2002)
and accretion of planetary material (e.g. from hot Jupiters) orbit-
ing the star (M. Jura 2015; M. Kama, C. P. Folsom & P. Pinilla
2015).

None of these mechanisms are without drawbacks, and al-
though the ISM accretion scenario has gained the most traction
in the literature, it has also been subject to the highest degree
of scrutiny. To explain the A Boo abundances from ISM accre-
tion, the A-star needs to accrete material for up to 1 Myr (S.
Turcotte & P. Charbonneau 1993) at a rate of between 10~'* and
10" Mg yr~! (I. Kamp & E. Paunzen 2002). Studies of abun-
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dances in white dwarf atmospheres suggest the accretion rates
on to typical A-stars are much lower (less than 10717 Mg yr=1; J.
Farihi et al. 2010; M. Jura 2015). These acccretion rates derived
from white dwarf observations are orders of magnitude below the
rates required to explain the A Boo abundances and are therefore
in direct tension with the accretion rates inferred from theoreti-
cal Bondi-Hoyle-Lyttleton accretion estimates (F. Hoyle & R. A.
Lyttleton 1941; H. Bondi & F. Hoyle 1944; H. Bondi 1952) for A
Boo stars.

The A Boo phenomenon is not restricted to main sequence
A-stars, with S. J. Murphy & E. Paunzen (2017) pointing out a
possible link to star formation (or at least accretion at the zero-
age main sequence). Given that A Boo abundances are observed
in young A-stars, we might expect that they should be found in
young star clusters and stellar associations. Whilst examples were
observed on the outskirts of star-forming complexes (E. Paunzen
2001), a distinct lack of A Boo stars were observed in older open
clusters (R. O. Gray & C. J. Corbally 2002), with the intepretation
being that the high levels of ionizing radiation present in star
clusters (e.g. A. Scally & C. Clarke 2001; F. C. Adams et al. 2004;
A. J. Winter et al. 2018; R. B. Nicholson et al. 2019; F. Concha-
Ramirez et al. 2021; L. Qiao et al. 2022) would prevent accretion
and/or A Boo abundances.

Recently, however, C. Saffe et al. (2025) reported the discovery
of A Boo stars on the outskirts of two open clusters, each several
tens of Myr old. C. Saffe et al. (2025) suggested that their location
on the outskirts of the clusters need not rule out the ISM accretion
scenario if these stars had always resided in the outskirts where
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there may be pristine ISM gas and weaker ionizing radiation
fields than would be found in the cluster(s) centres. However, star
clusters of this age are likely to be dynamically old (M. Gieles &
S. F. Portegies Zwart 2011) and stars presently observed on the
outskirts may have crossed through the cluster centre many times
(e.g. R. J. Parker et al. 2014a).

Given the significant recent advances in observational studies
of A Boo stars (E. Paunzen et al. 2002a; E. Paunzen, O. I. Pintado &
H. M. Maitzen 2002b; S. J. Murphy et al. 2015, 2020; R. O. Gray
et al. 2017; S. J. Murphy & E. Paunzen 2017; J. Alacoria et al.
2022, 2025; C. Saffe et al. 2025; L. Kuef3 & E. Paunzen 2025), and
vast improvements in modelling the evolution of star-forming
regions and the effects of ionizing radiation on young stars and
discs (T. J. Haworth et al. 2018b; R. J. Parker, R. B. Nicholson &
H. L. Alcock 2021), a test of the ISM accretion scenario in the
context of star cluster formation and subsequent evolution seems
timely.

In this paper, we model the formation and evolution of a star
cluster in N-body simulations, and determine the Bondi-Hoyle-
Lyttleton accretion rates on to A-stars if they move beyond the
Jacobi, or tidal radius (where the star(s) may encounter signifi-
cant amounts of pristine ISM gas). We then track the dynamical
histories of these A-stars and determine how much ionizing radi-
ation they may experience before, during, and after accretion of
ISM material.

The paper is organized as follows. In Section 2 we outline
our methods, we present our results in Section 3, we provide a
discussion in Section 4 and we conclude in Section 5.

2 METHODS

In this section, we first describe the set-up of the N-body sim-
ulations of our star-forming regions, before describing the algo-
rithms we use to calculate the accretion on to the A-stars, and the
external photoevaporation of the discs around the A-stars.

2.1 Star forming regions and dynamical evolution

We use purely gravitational N-body simulations, i.e. the gas left-
over from star formation is not included as a background poten-
tial in the simulation. The Bondi-Hoyle-Lyttleton accretion of
gas on to the A-stars (described in Section 2.2 below) is therefore
modelled in a post-processing analysis.

2.1.1 Stellar masses

We create star-forming regions with different total numbers of
stars, in order to cover the majority of star cluster populations in
the nearby (<1kpc) Milky Way (A. Porras et al. 2003; L. Allen
et al. 2007; E. Bressert et al. 2010). To this end, we set up star-
forming regions with N, = 150, 500, 1000 and 3000 stars. For
each of these regions, we randomly sample N, stars from a T.
Maschberger (2013) stellar Initial Mass Function, which has a
probability density function of the form

—a 1-a\ #
p(m) (T) (1 + (ﬁ) ) . (1)
n w

In this equation, ¢ = 2.3 is the E. E. Salpeter (1955) slope de-
scribing the high-mass end of the IMF, and 8 = 1.4. © = 0.2 M,
and we adopt an upper limit to the IMF of m,, = 50 M. In our
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simulations we adopt a lower mass limit of mjoy = 0.1 Mg, i.e. we
do not create a population of brown dwarfs.

Because we are sampling this distribution randomly, the num-
bers of massive stars increases with increasing N, as do the num-
bers of A-type stars, which we define as having a mass in the range
1.8 < m/Mg < 2.5.

For simplicity, we do not include primordial binary or higher-
order multiple systems in our calculations, though these are a
significant proportion of newly formed stars (A. Duquennoy & M.
Mayor 1991; B. Reipurth et al. 2007; D. Raghavan et al. 2010; R. R.
King et al. 2012; X. Chen et al. 2013; G. Duchéne & A. Kraus 2013;
K. Ward-Duong et al. 2015), and their effects on the dynamical
evolution of star-forming regions have been documented else-
where (e.g. P. Kroupa 1995a, b; M. Marks, P. Kroupa & S. Oh 2011;
R. J. Parker, S. P. Goodwin & R. J. Allison 2011; C. Cournoyer-
Cloutier et al. 2021; R. J. Parker 2023; C. Cournoyer-Cloutier et al.
2024).

2.1.2 Initial stellar positions

Once the stellar masses are selected, we assign positions and
velocities to the individual stars within a star-forming region.
Observations of young star-forming regions show them to be
spatially and kinematically substructured (e.g. R. B. Larson 1981;
M. Gomez et al. 1993; A. Cartwright & A. P. Whitworth 2004; N.
Sdnchez & E. J. Alfaro 2009; A. Hacar et al. 2016; J. D. Henshaw
et al. 2016), which is also seen in hydrodynamical simulations of
the formation of stars (e.g. S. Schmeja & R. S. Klessen 2006; P.
Girichidis et al. 2011; M. R. Bate 2012; R. J. Parker & J. E. Dale
2015). Dynamical encounters erase this substructure (S. P. Good-
win & A. P. Whitworth 2004; R. J. Parker & M. R. Meyer 2012; R. J.
Parker et al. 2014b; E. C. Daffern-Powell & R. J. Parker 2020; G. A.
Blaylock-Squibbs & R. J. Parker 2023, 2024) and this is observed
in old open and globular clusters, which have a very smooth and
centrally concentrated spatial distribution (H. C. Plummer 1911;
I. R. King 1962; S. Dib, S. Schmeja & R. J. Parker 2018).

We therefore set up our N-body simulations with spatial and
kinematic substructure, which is erased over time from dynam-
ical evolution. A convenient way of creating substructure in N-
body simulations is to use the box fractal method (S. P. Goodwin &
A. P. Whitworth 2004). For full details of the box fractal method,
we refer the interested reader to A. Cartwright & A. P. Whitworth
(2004), S. P. Goodwin & A. P. Whitworth (2004), E. C. Daffern-
Powell & R. J. Parker (2020), but we briefly summarize it here.

We first define a cube with sides of length Ny, = 2, within
which the star-forming region will be generated. We then place
a ‘root’ particle at the centre of the cube. The cube is then divided
into N3, sub-cubes, and a ‘leaf’ particle is placed at the centre of
each sub-cube.

The probability that a leaf particle will then become a root
particle itself is Néffs), where D is the fractal dimension. If a leaf
particle does not itself become a root particle, it is removed, as
well as all of their root particles.

Leaf particles that themselves become root particles have a
small amount of noise added to their positions, to prevent a grid-
like appearance. Each leaf’s sub-cube is then divided into Nj,,
itself, and we repeat the process until there is a generation of leaf
particles with significantly more particles than the number of N,
required.

Any remaining root particles are removed, so that there are
only leaf particles remaining, and this distribution is pruned such
that the boundary of the region is spherical, rather than a cube
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(though the distribution of stars is not spherical, unless the fractal
dimension D = 3.0).

In this method, a factal dimension D = 1.6 produces the high-
est degree of substructure, whereas D = 3.0 produces an (almost)
uniform sphere.

2.1.3 Stellar velocities

The root + leaf particle generation described above also deter-
mines the velocity structure of our star-forming regions. The first
root star has a velocity drawn from a Gaussian with mean zero,
and then every star after then inherits the root particle veloc-
ity plus an additional random component drawn from the same
Gaussian but multiplied by (1/Nyy )%, where g is the number of
the root + leaf generation that the star was produced in.

This procedure means that stars with similar positions in the
fractal have similar velocities to nearby stars, but those at larger
distances can have very different velocities.

We finally scale the velocities to the desired virial ratio, oy =
T/|2|, where T and 2 are the total kinetic and potential energies
of all of the stars, respectively. oy = 0.5 for a region in virial
equilibrium.

2.1.4 Dynamical evolution

For each N, we set up ten versions of the same simulation, iden-
tical apart from the random number seed used to vary the initial
masses, positions, and velocities. In all simulations we adopt an
initial fractal dimension D = 1.6, which gives a very spatially and
kinematically substructured stellar distribution. The regions have
aradius rr which is 1 pc for the regions with N, = 150, 500, 1000,
and is 5 pc for the regions with N, = 3000.

The combinations of different radii, rg, numbers of stars N,
and the factal dimension D = 1.6 results in a wide range of
median initial stellar densities, from g, = 400 My pc~3 to g, =
12000 M pc—3.

‘We scale the velocities of all of the stars to a virial ratio oy =
0.3. This means that the stars are initially subvirial with respect
to the potential, and as a result the region collapses to form a cen-
trally concentrated star cluster within ~1 Myr (R. J. Allison et al.
2010; R. J. Parker et al. 2014b; S. L. W. McMillan, E. Vesperini &
S. F. Portegies Zwart 2007).

These combinations of parameters lead to initial conditions
that are thought to be representative of the nearby Galactic star-
forming regions (R. J. Parker & C. Alves de Oliveira 2017; C.
Schoettler, R. J. Parker & J. de Bruijne 2022). Some of these re-
gions will form long-lived open clusters (S. Dib et al. 2018; E. L.
Hunt & S. Reffert 2024) similar to the clusters (Theia 139 and
HSC 1640) in which C. Saffe et al. (2025) identified A Boo stars
as members. Theia 139 and HSC 1640 have fewer members (105
and 128, respectively) than any of the star-forming regions in our
simulations, although E. L. Hunt & S. Reffert (2024) point out that
both may be in the process of dissolving into the Galactic disc and
may have been much more populous at birth.

A summary of the different initial conditions is shown in Ta-
ble 1.

We evolve the star-forming regions for 100 Myr using the 4th-
order Hermite N-body integrator kira within the Starlab en-
vironment (S. F. Portegies Zwart et al. 1999, 2001). We do not
include stellar mass-loss due to stellar evolution in the simula-
tions, but we do model feedback from massive stars via a post-
processing routine (see below).

A Boo stars in clusters 3

Table 1. Summary of the variation in the initial conditions of our simu-
lations. We show the number of stars, N,, the virial ratio oy, the fractal
dimension D, the initial radius of the star-forming region, rr, and the
median initial stellar density, g,, for each region as a result of the combi-
nation of the number of stars, fractal dimension, and radius.

N, Olyir D IF Px

150 0.3 1.6 1pc 400 Mg pc—3
500 0.3 1.6 1pc 2700 Mg pc—3
1000 0.3 1.6 1pc 12000 Mg pc~3
3000 0.3 1.6 5pc 800 M, pc—3

2.2 Bondi-Hoyle-Lyttleton accretion and disc evolution

We suppose that an A-star will be able to accrete pristine ISM
material if it travels a significant distance from the centre of
the star-forming region. We (somewhat arbitrarily) define this as
when a star moves beyond the Jacobi radius, rj, defined as

M. 1/3
=D s 2
ry G <3Mc> 2

where M, is the total stellar mass of the star-forming region,
and Dg and Mg are the Galactocentric distance and mass of
the Galaxy, respectively. We adopt values for the Sun’s current
position (Dg = 8.5kpc) and the Milky Way mass (Mg = 1.15 x
102 Mg,). M, varies slightly depending on the total stellar mass
of the region, which is the summed mass of the individual stars
drawn from the IMF.

We assume that if a star moves beyond the initial r; in our
simulations, then it may accrete material at a rate set by Bondi-
Hoyle-Lyttleton (B-H-L) accretion (F. Hoyle & R. A. Lyttleton
1941; H. Bondi & F. Hoyle 1944; H. Bondi 1952). Although the
Jacobi radius will decrease as stars are ejected from the cluster, we
simply use the initial Jacobi radius as an estimate of the bound-
ary of the cluster - beyond which may lie pristine ISM gas. To
explain the A Boo abundance patterns from accretion, I. Kamp &
E. Paunzen (2002) adopt the following parametrization of B-H-L
accretion. First, we define an accretion radius around the A-star,

v/2.5GM,
Tacc = > s (3)
vrel
where M, is the mass of the A-star and v is its relative velocity
when it encounters the ISM cloud. The mass accretion rate, Macc
is then

Macc = ﬂrzccpvrely (4)
where p = 10 cm~3 is the density of the ISM cloud. This accretion
rate is calculated in a post-processing routine after the main N-
body calculation, and we assume the ISM gas density p remains
constant, and the gas cloud is stationary with respect to the A-star,
SO Vye is just the magnitude of the A-star’s velocity.

For a given stellar population, Type Ia supernovae will start
enriching their environs with Iron-rich material, and so we repeat
our calculations but assume no pristine material can be accreted
after 40 Myr, when the earliest Type Ia supernovae start to explode
(e.g. C. Kobayashi, S.-C. Leung & K. Nomoto 2020). This second
set of calculations also accounts for the likelihood that the ISM
gas beyond the Jacobi radius may no longer be pristine after
~40 Myr.

Several authors have pointed out that the star cluster environ-
ment may hamper to the accretion of pristine ISM gas due to the
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feedback from massive stars. We estimate the effects of radiation
fields from massive stars on the accreting A-stars by determining
the mass-loss from their discs. We assume that if an A-star loses
all of its disc to photoevaporation, then it would be unable to ac-
crete enough ISM material to display A Boo abundances, though
this assumption would need to be fully tested with radiative-
hydrodynamic simulations, beyond the scope of this paper. It may
be possible for an A-star to lose its disc, then be ejected from the
cluster and encounter pristine gas which could be accreted and
lead to A Boo abundances, but in our analysis we do not consider
our A-stars to be A Boo stars if they lose their disc before accreting
ISM material.

We assign each A-star a disc mass that is 10 per cent of the star
mass

Mgise = 0.1M,, (5)

and a disc radius using the following relation from G. A. L. Cole-
man & T. J. Haworth (2022), which assumes the initial disc radius
Tdisc 1S related to the stellar mass M, :

M.\
Taise = 200au x (M@> . (6)
To estimate the mass-loss due to photoevaporation, we first es-
timate the strength of the Far Ultra Violet radiation field pro-
duced by stars with masses >5Mg using the relation between
FUV luminosity Lryy and stellar mass provided in P. J. Armitage
(2000). We calculate the flux from each photoionizing star using
the distance d from that star to each A-star in the simulation, and
then sum the fluxes because in all simulations there is more than
one > 5Mg photoionizing star:

Lruv
4rd?’ @

We then convert the flux into H. J. Habing (1968) units, G, =
1.8 x 1072 ergs~! cm~2, where Gy is the background FUV flux in
the ISM. For each disc, we use the rgis, Mgisc, and Gy values to
determine the mass-loss rate due to FUV, Mpyy, from the FRIED
grid of models (T. J. Haworth et al. 2018b).

For very massive stars (>20 M), Extreme Ultra Violet radia-
tion can cause additional mass-loss from a disc, and we estimate
this according to the formula in D. Johnstone, D. Hollenbach & J.
Bally (1998)

Fruv =

@,
dz
where d is again the distance between the massive star and the
A-star, and @; is the ionizing EUV photon luminosity in units of
10* s~1. This is a function of the stellar mass (W. D. Vacca, C. D.
Garmany & J. M. Shull 1996; A. Sternberg, T. L. Hoffmann & A.
W. A. Pauldrach 2003); for example, a 41 M, star has ® = 10%¥ s!
and a 23 M, star has ® = 10* 1.

For each A-star, we determine the FUV flux and EUV flux,
and use the FRIED models and equation (8) to determine the
mass loss from the disc at that instant based on the disc mass and
radius. We then subtract mass from the disc and then adjust the
radius assuming the surface density of the disc at 1 au from the
star, Xy ., iS constant,

Mguy =~ 8 x 1072132 Mo yr !, (®)

Misc

h) =
tau 27 raisc[1 au]

©)

This means that the disc radius decreases due to mass-loss, as
we take the ratio of the disc masses before (mgis.(t,_1)) and after
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(maisc(t)) each time-step to determine the radius after each time-
step (¥aisc(x ), such that

mdise(tk)
Mgise (te—1)

In addition to the disc radius decreasing due to photoevapora-
tion, the disc radius may increase due to viscous spreading (M.
R. Krumholz & J. C. Forbes 2015; F. Concha-Ramirez, E. Va-
her & S. Portegies Zwart 2019a). Disc viscosity can be included
in these models using the diffusion equation (D. Lynden-Bell &
J. E. Pringle 1974; J. E. Pringle 1981; L. Hartmann 2009), where
the viscosity is set by the dimensionless ayiscous parameter (N. L.
Shakura & R. A. Sunyaev 1973). R. J. Parker et al. (2021) and B.
Marchington & R. J. Parker (2022) show that if oryjscous = 1072
then significant spreading occurs, such that destruction due to
photoevaporation is accelerated (the radius increase reduces the
surface density, thereby increasing the mass-loss rate). However,
observations suggest the actual value of oyiscous may be much
lower (Qiscous = 1073-XXXXXXX-10"*; C. Pinte et al. 2016; K.
Flaherty et al. 2020), in which case the radius decrease due to
photoevaporation would dominate over any increase due to vis-
cosity (B. Marchington & R. J. Parker 2022). To better match ob-
servations, we do not implement an algorithm that causes the disc
radius to increase due to viscous spreading. If the total mass sub-
tracted from the disc exceeds the initial disc mass, we deem the
disc to be destroyed. Photoevaporation predominantly destroys
the gaseous component of discs, so even though the discs may
lose all their mass in our simulations, in reality they will likely
retain a dust component (T. J. Haworth et al. 2018a).

To summarize, we track the positions of A-stars in our N-
body simulations, and determine how many, and how often, they
travel beyond the Jacobi radius where they might encounter (and
accrete) pristine gas from the ISM and become X Boo stars. We
simultaneously calculate the incident radiation field on the discs
of the A-stars to determine which stars could experience such
high radiation fields that they would be prevented from accreting
material from the ISM, and the accretion rates for the stars that
are accreting ISM material. The latter two calculations are per-
formed as a post-processing analysis after the N-body simulation
has run.

rdisc(tk) = rdisc([k—1)~ (10)

3 RESULTS

In this section, we first describe the dynamical evolution of A-
stars in one simulation and how this could support the ISM-
accretion scenario for A Boo stars. We then describe the averaged
results for our ensembles of simulations with different initial
conditions, including different numbers of A-stars.

3.1 A-stars in an N, = 500 cluster

‘We now examine the dynamical evolution and accretion history
of A-stars in one of our simulations that contains N, = 500 stars.
We choose to show a region with this number of stars because
it contains on average around 10 A-stars; enough to show the
different dynamical histories of A-stars in the same region, but
such that the plots we show are not too crowded (as they are
with N, = 1000 or N, = 3000), or too sparse (as they are with
N, = 150).

In Fig. 1, we show the positions of stars in the x-XXXXXX-y
plane at three different snapshots in the simulation. The first
(Fig. 1a) shows the stars before any dynamical evolution has
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Figure 1. Evolution of a representative simulation of a star-forming region with N, = 500 stars. The A-stars are shown by the coloured triangles. The
grey dashed circle shows the position of the Jacobi radius, as defined in equation (2). As the star-forming region evolves and expands, stars (including
some of the A-type stars) move outside the Jacobi radius. Note that the position of the Jacobi radius remains constant, but we have changed the axes
scales to accomodate the expansion of the star-forming region. We show the region before any dynamical evolution (0 Myr, panel a), then at 11 Myr

(panel b) and after 40 Myr (panel c).

taken place, i.e. at 0 Myr. The second (Fig. 1b) shows the stars
after 11 Myr of dynamical evolution and the third (Fig. 1c) shows
the stars after 40 Myr of dynamical evolution. In all panels, the
A-stars are shown by the different coloured triangle symbols,
and the Jacobi radius (as defined by equation 2) is shown by the
grey dashed circle. Note that the Jacobi radius remains constant,
but there is a clear expansion of the star-forming region as it
undergoes dynamical relaxation.

Our choice to show the snapshot at 11 Myr (rather than, e.g.
10 Myr) is motivated by our desire to show the stochastic evolu-
tion that is inherent in the evolution of star-forming regions. The
A-star shown by the magenta symbol in Fig. 1(b) has just been
ejected in an encounter in the centre of the star-forming region,
and this star is moving at a velocity of several kms™! (several
pc Myr—1). Had we shown the snapshot at 10 Myr, this star would
not be remarkable, as it would still be within the confines of the
cluster. However, at 11 Myr it is on its way out of the cluster and
potentially accreting from the ISM.

We quantify the motion of the A-stars by plotting their distance
from the centre of mass of the star-forming region as a function of
time, and this is shown in Fig. 2. The coloured lines represent the
dynamical histories of individual A-stars in the cluster, and the
horizontal dashed line shows the location of the Jacobi radius.
The magenta star we highlighted in the previous paragraph in
Fig. 1(b) is the second star to be ejected from the cluster (six other
stars are ejected beyond the Jacobi radius, never to return to the
cluster centre).

The other 5 A-stars remain on orbits around the cluster centre
for the 100 Myr duration of the simulation, but all of them move
outside of the Jacobi radius at various times, and all but one (the
orange line) travel beyond the Jacobi radius, then back inside,
more than once. Notably, the stars that return from beyond the
Jacobi radius subsequently spend significant amounts of time
(tens of Myrs) near the centre of the cluster. This behaviour is
similar in all realizations of each set of initial conditions, and for
clusters with different initial numbers of stars.

For the A-stars in this cluster we use equations (3) and (4) to
determine the Bondi-Hoyle accretion rates on to the stars. We
show these rates as a function of the age of the cluster in Fig.
3, and only plot a point if the star is outside the Jacobi radius.

Ve

Distance from cluster centre (pc)

. ] X . .
0 50 100
Time (Myr)

Figure 2. The distance of each A-star from the centre of the star-forming
region over the run-time of a simulation with N, = 500 stars. Each
coloured line represents the dynamical history of an A-star (the colours
are matched to the stars shown in Fig. 1). The horizontal grey dashed line
shows the distance of the Jacobi radius, as defined in equation (2).

The stars are again colour-coded such that they correspond to
the same stars in Figs 1 and 2. Inspection of equations (3) and
(4) shows that the accretion rate is inversely proportional to the
relative velocity of the A-star and the ISM cloud, M 1 /v3,. Stars
ejected from the cluster at high velocities will therefore have the
lowest accretion rates (10712-XXXXXX-1071° My, yr~1), which we
see in Fig. 3. Stars on cluster-centric orbits that spend time outside
the Jacobi radius before moving back tend to be moving more
slowly, especially after a few tens of Myr, and so their accretion
rates are higher (107°-XXXXXX-107> Mg yr1).

I. Kamp & E. Paunzen (2002) note that accretion rates of be-
tween 1071* and 10~° M yr~! are required to explain the abun-
dance patterns of A Boo stars from accretion of ISM gas (S. Tur-
cotte 2002 argue for a lower limit of 107! Mg, yr~!), and therefore
the stars ejected in our simulations are most likely to attain A
Boo abundances. However, in our simulations stars that drift in
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Figure 3. The Bondi-Hoyle-Lyttleton accretion rates as defined by
equation (4) for each A-star in our N, = 500 simulation. We show the
accretion rates of each of the 12 stars when they travel beyond the Jacobi
radius. Some of these stars are ejected and never return to the cluster, but
several (e.g. the cyan star) are on cluster-centric orbits and return inside
the Jacobi radius during the cluster’s evolution.

and out of the Jacobi radius can also accrete at the higher end of
this range (10~° M yr—'), and so we might expect a A Boo star to
occasionally be observed in a star cluster (C. Saffe et al. 2025).

If an A-star develops A Boo abundances from accreting pris-
tine gas from the ISM, we expect that the star will not spend a
significant amount of time in an environment where its disc will
be irradiated from nearby massive stars. For each of our A-stars
we calculate the FUV radiation field at each point in the star’s
dynamical history, and hence determine whether they lose their
disc due to photoevaporation from massive stars. If they lose their
disc, we take this as a proxy for not being able to accrete pristine
ISM gas.

In Fig. 4, we plot the FUV flux in H. J. Habing (1968) G,
units, and follow this for the duration of the simulation. We also
subtract mass from the disc, using the FRIED models from T. J.
Haworth et al. (2018b). Whilst mass-loss due to photoevaporation
is drastic at high G, values (e.g. at Gy = 103-XXXXX-10* discs can
be destroyed within 1 Myr, F. Concha-Ramirez et al. 2019b; R. J.
Parker et al. 2021), at smaller values the disc loses mass but can
survive for more than 10 Myr. In Fig. 4, we plot a filled symbol if
a disc is still present around an A-star.

The coloured lines correspond to the same stars plotted in
Figs 1 and 2. Interestingly, whether a star retains its disc again
is very stochastic and depends on the individual histories of the
stars. Of the seven A-stars that are ejected from the cluster and
may encounter an ISM cloud to accrete material and develop
A Boo abundances, all but one of them have experienced such
significant photoevaporation whilst in the cluster that their discs
have been destroyed before they are ejected. Conversely, one star
that remains on a cluster-centric orbit and only travels beyond the
Jacobi radius at the very end of the simulation, retains its disc for
well over 10 Myr (the orange star) as the G, field it experiences is
relatively low (less than Gy = 10 for much of the first 10 Myr).
Another star (shown by the cyan colour) moves away from the
cluster centre early on, and on two separate occasions travels
beyond the Jacobi radius for several tens of Myr each time, before
moving closer to the cluster centre. This star retains its disc well
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Figure 4. The Far Ultra violet radiation flux recieved by each A-star
as a function of time in our N, = 500 simulation. Each coloured line
represents the FUV flux (in terms of the H. J. Habing (1968) Gy unit) for
each A-star, where the colours are the same as the stars in Figs 1 and 2. If
the A-star still retains a gaseous component to its disc at a given time, we
plot a filled square on the line.

Table 2. Summary of the results across the four sets of simulations.
We show the total number of stars N,, the number of A-stars in each
simulation (mean and standard deviation across the ten realizations of
the same initial conditions), the fraction of A-stars that move beyond the
Jacobi radius and so could accrete ISM gas, facc, the fraction that move
beyond the Jacobi radius that retain a disc after 10 Myr, fycc gisc and the
fraction of binary systems that contain an A-star that form after the A-
star has already travelled beyond the Jacobi radius. Fractions in brackets
are from repeat calculations where we assume the stars can only accrete
pristine material for the first 40 Myr, before the gas may be polluted with
Fe-rich material from Type Ia supernovae.

N, No. A-stars facc facc‘disc fbin,a.fter

150 20+£1.2 0.90 (0.90) 0.55 (0.55) 0.056 (0.056)
500 10.2+£2.5 0.94 (0.81) 0.088 (0.11) 0.021 (0.024)
1000 20.7+£2.9 0.96(0.83)  0.048 (0.053)  0.055 (0.064)
3000 54.6 £7.2 0.98 (0.91) 0(0) 0.050 (0.054)

beyond 20 Myr, and when it is accreting outside the Jacobi radius,
does so at a rate (M ~ 10~ Mg yr~! - see Fig. 3) consistent with
those required for A Boo abundances.

3.2 Overall fractions of A Boo stars

In Table 2, we present a summary of the numbers of A-stars
present in each simulation (mean and standard deviation), the
fraction of these that travel beyond the Jacobi radius (and so could
accrete pristine ISM material), fy.., and then the fraction that
travel beyond the Jacobi radius but that do not lose their disc to
photoevaporation due to FUV and EUV radiation from the most
massive stars, face disc-

Typically, most (90 per cent) A-stars will travel beyond the Ja-
cobi radius, and the fraction that retain the disc is a strong func-
tion of the total number of stars in the simulation. When there
are fewer stars in total, more stars retain their discs, which we
would expect as the number of stars producing FUV and EUV is
lower.
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Figure 5. Histograms of the maximum velocities of individual A-stars in our simulations. In each panel, the open histogram shows the maximum
velocity distribution for all A-stars, the hashed histogram shows the distribution of maximum velocities for A-stars that could accrete pristine gas (i.e.
those that move beyond the Jacobi radius), and the filled histogram is the distribution of maximum velocities for A-stars that move beyond the Jacobi
radius but also retain a circumstellar disc after 10 Myr (no discs survive beyond 10 Myr in the N, = 3000 simulations).

If we add the additional constraint that a star would only show
A Boo abundances if it both accreted pristine ISM material and
also did not have its disc destroyed by radiation from massive
stars, then this fraction is 55 per cent for regions with few mas-
sive stars, decreasing to zero for the regions with N, = 3000, in
which there are tens of massive stars that emit photoionizing
radiation.

We do not include primordial binary stars in our calculations,
and we form very few close binaries, so we cannot estimate the
number of Type Ia supernovae that may occur in our clusters.
Type Ia supernovae will enrich a cluster with Iron-rich material,
and are thought to occur after 40 Myr (depending on the metal-
licity, C. Kobayashi et al. 2020), so would reduce the numbers of
A Boo stars because A Boo abundances are Iron-poor. We account
for this by repeating the calculations but in the new analysis we
do not allow A-stars to accrete pristine ISM material after 40 Myr.
The fractions in brackets in Table 2 are for the scenario where
there is no further accretion after 40 Myr.

The fraction of stars that travel beyond the Jacobi radius and
accrete some pristine ISM material before 40 Myr is lower than
the fraction of stars that travel beyond the Jacobi radius over the
entire duration of the simulation (as one might expect), but the
fraction that travel beyond the Jacobi radius within 40 Myr but
still retain the disc is actually higher than the value for stars that
accrete over the entire 100 Myr. This is because some discs that
would eventually be destroyed by photoionizing radiation are still
extant before 40 Myr.

To visualize these fractions, in Fig. 5 we plot histograms of the
the A-stars’ velocity distributions, where the values are the max-
imum velocity attained by each A-star in the simulation. We plot
velocity histograms because the B-H-L accretion rates depend on
the relative velocity between the A-star and the ISM cloud, and we
wish to establish whether stars that could be classified as 2 Boo
objects have a different velocity distribution to those that could
not.

In Fig. 5, we omit the N, = 1000 simulations for brevity, but
note that the results are very similar to the N, = 500 results
shown in Fig. 5b. The open histogram shows the distribution of
each A-star’s maximum velocity in the simulation, the hashed
histogram shows the histogram of velocities of all stars that travel

beyond the Jacobi radius, and the filled histogram shows the
velocities of stars that travel beyond the Jacobi radius, and retain
a disc for more than 10 Myr of the simulation.

First, in the N, = 3000 simulations (Fig. 5c), there are no stars
that fall within the latter category, i.e. every A-star has lost its disc
due to the high Gy fields in these star-forming regions.

Second, stars ejected beyond the Jacobi radius at fast
(>5kms™) velocities tend not to have discs, so although they
can accrete ISM material, they tend to have been ejected by an
encounter in the central regions of the cluster and have been in
close proximity to massive stars.

The main result from this plot is that there does not appear to
be a preferential velocity distribution for stars that could accrete
ISM material, and potentially display A Boo abundances in their
spectra.

3.3 Formation of binary systems

A potential diagnostic test of the accretion scenario for A Boo stars
would be the discovery of A Boo stars in binary systems with very
different abundances between the component stars. The majority
of (though not all) binary systems are thought to form via the
fragmentation of protostellar cores, and if a binary star system
comprises two stars who have orbited each other since birth, we
might expect they would have identical chemical composition
and very similar accretion histories. We might not, therefore,
expect one component of a binary to be a A Boo star, and/or have
very difference chemical abundances to its companion star. A
significant proportion of A-stars are in binary systems (R. J. De
Rosa et al. 2014), and significant observational effort has already
been invested in searching for A Boo stars in binary and higher-
order multiple systems (see e.g. J. Alacoria et al. 2022, 2025). In
particular, J. Alacoria et al. (2025) report an abundance difference
of A[Fe/H] = 1.12 4 0.21 dex between the two component stars
in the HD 87304+CD-33 6615B binary system, which has an on-
sky separation of 3287 au.

However, a significant formation mechanism for wide
(>100 au) binary stars occurs when star-forming regions dissolve
into the Galactic field (M. B. N. Kouwenhoven et al. 2010; N.
Moeckel & M. R. Bate 2010; R. J. Parker & M. R. Meyer 2014),
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Figure 6. Comparisons of the orbital semimajor axis distributions of A
Boo stars that are in binary systems. The black lines are the distributions
for the binaries that form in our simulations that contain an A-star. For
each binary that forms, we record its separation at every snapshot that
it is a binary, and the solid line is the cumulative distribution of the me-
dian separation values, and the dashed lines are the smallest and largest
separation values. The blue dot-dashed line is the separation distribution
for stars that form a binary after the A-star has potentially undergone
accretion outside of the tidal radius (in other words, the abundances of
the two components could be different). The solid red line is the observed
distribution of binary separations from systems containing a A Boo star
from J. Alacoria et al. (2025). The vertical dotted line indicates the separa-
tion value for the HD 87304+CD-33 6615B binary system, which displays
a significant abundance difference (A[Fe/H] ~ 1.12 + 0.21 dex) between
the two component stars.

and the efficiency of this mechanism increases with increasing
primary mass, so we expect it to be responsible for many wide
binaries containing A-stars. The separation distribution for all
binaries that form with A-stars in our simulations is shown by
the black lines in Fig. 6. For each binary that forms, we record its
separation at every snapshot that it is a binary, and the solid line is
the cumulative distribution of the median separation values, and
the dashed lines are the smallest and largest separation values.
For simplicity, we do not include primordial binary systems
in our simulations and so the following discussion pertains
only to binaries that form via capture during the dissolution of
star-forming regions.

Of the A-star binaries that form via capture in our simulations
(the black lines in Fig. 6) some contain a A Boo star — a star
that has accreted material from the ISM - and a fraction of these
form after the accretion (shown in the column labelled fyin after
in Table 2), meaning we could form a binary system where one
component displays A Boo abdundance patterns, but the other
does not. Such binaries in our simulations are shown by the blue
dotted line in Fig. 6. For comparison, we show the separation
distribution for the observed binaries containing A Boo stars from
J. Alacoria et al. (2025) by the solid red line, and the system with
the significant abundance difference between its two components
(HD 87304+CD-33 6615B) is shown by the vertical red dotted
line. Given that our distribution of binaries containing stars with
potentially very different accretion histories (the blue dot-dashed
line) intersects the separation for the HD 87304+CD-33 6615B
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system, we posit that the current data on binaries containing
Boo stars cannot be used to rule out the accretion scenario. To
rule it out, a relatively close (<100 au) binary system containing
a A Boo star and a component with non-A Boo abundances would
need to be observed.

4 DISCUSSION

The main assumption in our work is that we assume Bondi-
Hoyle-Lyttleton accretion is a valid mechanism for the accre-
tion of pristine ISM gas on to A-stars to cause the A Boo signa-
ture. In our calculations we have not explored this assumption
in any detail; rather we have assumed that the accretion rate is
derived from the relative velocity of the star and the ISM cloud,
as outlined in equations (3) and (4). We have taken the required
accretion rates for enrichment directly from the literature (i.e.
between 107'* and 10~° Mg yr~!; S. Turcotte & P. Charbonneau
1993; 1. Kamp & E. Paunzen 2002; S. Turcotte 2002). There is a
tension between the the rates required to cause the A Boo signa-
ture and the ISM accretion rates derived from studies of white
dwarf photospheres, which quote an upper limit of 1 x 107 gs™%,
or ~2 x 1078 Mg yr=! (M. Jura & S. Xu 2012; D. Koester, B. T.
Génsicke & J. Farihi 2014; M. Jura 2015), a factor of 10 000 lower
than the lower limit required to produce the A Boo signature.

In addition, we assume the relative velocity between the mov-
ing A-star and the ISM cloud is simply the star’s velocity, which
we would expect if the ISM clouds were material on the outskirts
of the star-forming region, as we have assumed here. However,
a fast-moving runaway or walkaway A-star, that subsequently
encountered an ISM cloud, may have a much reduced relative
velocity compared to its tangential velocity. In this case, the mass
accretion rate would be higher than if the fast-moving star had
passed through an ISM cloud in the vicinity of its star-forming
region.

In our simulations, we have varied the total mass of the star-
forming regions (by varying the total number of stars and then
randomly sampling the initial mass function). We have not varied
the degree of spatial and kinematic structure, which can have
an effect on the long-term dynamical evolution of a star-forming
region (R.J. Allison et al. 2010; R. J. Parker et al. 2014b), including
on the production rate of runaway/walkaway stars (C. Schoettler
et al. 2019, 2022). Runaway and walkaway stars are strong can-
didates to become A Boo stars due to their high velocities (hence
low accretion rates) and propensity to encounter pristine ISM gas
once they are far from their natal star-forming region.

In this study, we focus on the mass of the star-forming re-
gion because this sets the numbers of intermediate-high mass
(>5My) stars that produce photoionizing FUV radiation (and
EUV radiation in the case of stars >20 M,). If we randomly sam-
ple the IMF (B. G. Elmegreen 2006; R. J. Parker & S. P. Goodwin
2007) then the number of ionizing stars increases with the total
number of stars. Alternative hypotheses for sampling the IMF,
which impose a minimum cluster mass threshold for forming a
star of a given maximum mass (e.g. C. Weidner & P. Kroupa 2006;
C. Weidner, P. Kroupa & I. Bonnell 2010), would mean a low-mass
star-forming region (<500 M) may not form any photoionizing
stars.

C. Saffe et al. (2025) point out that the presence of photoioniz-
ing radiation acts to inhibit the A Boo signature from accretion, so
an A-star would need to either form in an environment devoid of
photoionizing stars, or the level of photoionizing radiation acting
on an A-star would need to be such that it did not inhibit the
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formation of the A Boo signature. In our simulations, we use the
FRIED grid (T. J. Haworth et al. 2018b) to estimate the mass-
loss from a disc around an A-star due to FUV radiation, and the
prescription from D. Johnstone et al. (1998) to estimate the mass-
loss due to EUV radiation. We find that - despite FUV fields of
100s or 1000s of times that in the ISM — some A-stars retain their
discs well beyond the first 10 Myr of the cluster’s evolution.

If the disc around an A-star survives for more than 10 Myr, we
use this as a proxy to decide that the star could have accreted
enough ISM material to attain a A Boo signature without photion-
izing radiation preventing it from doing so. When stronger radi-
ation fields completely destroy the disc before 10 Myr, we deter-
mine that the radiation field would be too intense for accretion of
the pristine ISM material to occur. This assumption requires fur-
ther testing and verification from radiative-hydrodynamic simu-
lations of an accreting star/disc in a radiation field.

Further research is required to establish how much ionizing
radiation fields could inhibit/prevent A Boo signatures develop-
ing in A-stars due to ISM accretion, but in our models we find
that clusters containing N, = 3000 stars preclude any A Boo stars,
which is also consistent with the observed absence of A Boo stars
in massive open clusters (R. O. Gray & C. J. Corbally 2002). The
incidence of A Boo stars increases with decreasing number of
stars in our simulations (due to weaker or non-existent radiation
fields). It is notable that the clusters C. Saffe et al. (2025) discov-
ered A Boo stars in, Theia 139 and HSC 1640, contain 105 and 128
stars, respectively (E. L. Hunt & S. Reffert 2024). Assuming they
have not lost more than 90 per cent of their original members,
they are consistent with the lower-N clusters in our simulations.
This may indicate a preferred environment for A Boo stars in low-
N star-forming regions, rather than massive clusters or OB asso-
ciations, both of which are expected to have significant radiation
fields (M. G. Guarcello et al. 2013; A. J. Winter & T. J. Haworth
2022).

Our results demonstrate that if Bondi-Hoyle-Lyttleton accre-
tion is responsible for the A Boo phenomenon, and it can occur
due to accretion of pristine ISM material on the outskirts of a star
cluster (or beyond, if the star is a runaway or walkaway), then the
star cluster environment can host A Boo stars. A Boo stars can
spend significant amounts of time on the outskirts of a cluster
without being ejected, and even make repeated journeys into the
ISM and then back.

We have assumed that the ISM clouds are stationary with re-
spect to the stars, when in reality they may not be, which would
increase the relative velocity between the cloud and the A-star
and therefore reduce the accretion rate. We also assume the ISM
clouds are homogeneous, and that there is always be a reservoir
of ISM material immediately beyond the initial Jacobi radius,
whereas in reality the clouds could be much more patchy and the
accretion could be much more stoachastic (reducing the occur-
rence rates of A Boo stars).

Whilst we use the Jacobi radius as the boundary beyond which
stars could accrete pristine ISM material, we do not impose an
external tidal field from the Galaxy on the stars in our simu-
lations. A tidal field can be imposed on these simulations, and
tends to cause a shearing effect on the cluster, creating tidal tails
predominantly along one axis (in the plane of the Galactic disc).
The tidal field causes stars to return to the cluster if they remain
within the tidal tails, prolonging the lifetimes of the clusters and
potentially increasing the rates of A Boo stars (M. Allen et al.,
submitted).
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We also show that the presence of a A Boo star in a binary
system where the companion star has a very different abundance
does not preclude the ISM accretion as the cause of the A Boo
signature in one star, but not the other. The reason for this is
that a star could accrete ISM material, and subsequently form
a binary due to the dissolution of the host star-forming region.
The presence of a large abundance variation can only rule out
the accretion scenario if the semimajor axes were <100 au for a
significantly large sample of systems.

5 CONCLUSIONS

We have analysed N-body simulations of the dynamical evolution
of star clusters to determine whether the ISM accretion scenario
could be responsible for the A Boo signature observed in A-stars
in star clusters. We trace the dynamical history of each A-star,
and determine when and how long they spend outside the tidal
(Jacobi) radius of the cluster, where they may accrete pristine gas
from the interstellar medium. Our conclusions are as follows:

(i) The 1 Boo signature may not be restricted to stars that are
ejected from the star cluster. Dynamical relaxation causes the
cluster to expand, and A-stars can move beyond the Jacobi radius
into regions containing pristine ISM gas, where they accrete this
material at the rates required to cause the A Boo signature.

(ii) For each A-star, we also determine the FUV radiation
field incident on the star throughout the simulation, and use the
FRIED grid of models to establish whether these fields would be
strong enough to affect (or prevent) accretion of ISM material.
FUV fields do reduce the numbers of viable A Boo stars, but some
A-stars spend enough time in low FUV fields that they could still
accrete ISM material.

(iii) A promising diagnostic test of the accretion scenario would
be the discovery of A Boo objects in binary or multiple systems,
where the companion star(s) have a different abundance to the
A Boo star. If the binary components formed together we might
expect them to have very similar abundances, as well as a similar
accretion history. However, many wide (>100 au) A-star binaries
form via capture in our simulations. All the known binaries con-
taining A Boo stars are consistent with forming via capture, and
therefore their component stars could have different abundances
and/or accretion histories.

The main uncertainty surrounding the ISM accretion scenario
is still the limits on accretion on to white dwarfs in the ISM.
Several studies place an upper limit on the accretion onto white
dwarfs as <1077 Mg yr~! (J. Farihi et al. 2010; M. Jura & S. Xu
2012; D. Koester et al. 2014; M. Jura 2015), whereas the A Boo sig-
nature requires accretion rates between 10~1* and 10=° Mg yr~!
(S. Turcotte & P. Charbonneau 1993; I. Kamp & E. Paunzen 2002;
S. Turcotte 2002).

We therefore advocate that more effort should be invested in
understanding potential differences in the accretion histories of
white dwarfs over ~Gyr time-scales, compared to (pre-) main se-
quence A-stars to determine whether this tension can be resolved.
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DATA AVAILABILITY

The data used to produce the plots in this paper will be shared on
reasonable request to the corresponding author.
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